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Abstract

We have performed N-body simulations on the stage of protoplanet formation from plan-
etesimals, taking into account so-called “type-I migration”, and damping of orbital ec-
centricities and inclinations, as a result of tidal interaction wifh a gas disk without gap
formation. One of the most serious problems in formation of terrestrial planets and Jo-
vian planet cores is that the orbital migration time scale predicted by the linear theory
is shorter than their formation time scales and disk lifetime. Type-I migration moves to
“type-II migration”, when a gap opens in the gas disks near the orbit of a protoplanet,
with which the migration time scale is comparable with disk life time. However, mass of
the terrestrial planets and Jovian planet cores may be insufficient to open up a gap in
the gas disks. In this paper, we focus on type-I migration. Several factors can alter the
migration time scale: 1) the gap opening in the planetesimal disk through gravitational
perturbations from the protoplanet, and 2) the effect from other protoplanets. The effect
1) is as follows. The planetesimal disk with a gap exerts torque on the protoplanet to slow
down the migration as in the case of “type-II migration” in the gas disk. It is expected
that gap opening is easier in the planetesimal disk than in the gas disk. The effect 2)
is as follows. The linear theory of type-I migration assumes a protoplanet being alone
in a gas disk. However, formation of comparable-sized multiple protoplanets (“oligarchic
growth”) is expected. The interaction with other protoplanets has potential to alter the .
migration speed. In order to investigate the effect 1), we carried out N-body simulations
of the planetesimal disk with a protoplanet seed in order to clarify how much retarda-
tion can be induced by the planetesimal disk and how long such retardation can last.
Gravitational interactions and physical collisions of every body are included. In order to
include type-I migration, the toque exerted by the gas disk is given in the form of forces
in equation of motion according to the results from the linear theory. We simulated six
cases with different migration speed. We found that in all of our simulations, a clear gap

is not maintained for more than 10° years in the planetesimal disk, so that the type-I



migration does not slow down. For very fast migration, a gap cannot be created. For
migration slower than some critical speed, a gap is formed. After the formation of the
gap, since we allow the accretion of the planetesimals, gravitational perturbation of the
planetesimals eventually becomes strong enough for diffusion of the planetesimals into
the vicinity of the protoplanets. After the gap is destroyed, the close encounters with the
planetesimals make the protoplanet migration rather faster. Thus, the migration time
scale is not altered by the torque from the planetesimal disk, regardless of the migra-
tion speed. In order to-investigate the effect 2), we performed another series of N-body
simulations with a wider range of the disk, starting from the planetesimals without the
protoplanet seeds. We assume the disk gas decreases exponentially with time as well. The
parameters are the gas depletion time scale and the initial disk surface density. We found
out that the migration and the accretion process of a runaway protoplanet are not affected
by the other protoplanets and planetesimals placed inner and outer regions of its orbit.
We also derived a formtﬂa for expressing the time evolution of solid rsurface density as a
function of depletion time scale, initial gas surface density, and semimajor axis, which is
in good agreement with the N-body simulations. The simulations show that the evolution
can be expressed with the analytical formula that considers only one body migrating in
a gas disk. The formula gives the final surface density of solid material (protoplanets,
planetesimals) after the gas depletion as a function of depletion time scale ,initial gas and
dust surface densities. Using the analytical formula and the N-body simulation.results,
we also discuss the relation between the final planets and the initial planetesimal disks
with various gas to dust ratio. In order to retain a solid surface density of the minimum
mass solar nebula, it is necessary either to make the gas depletion time scale to ~ 105
years, to retard the migration speed at least by several times from that given by linear
theory (due to effects such as turbulence and radiative transfer) for gas depletion time
scale of ~ 108-107 years or to adopt the gas to dust ratio ~ 10 (gas poor) in the disk when

the plaﬁetesimal accretion starts. The low gas to dust ratio is preferred for habitable



planet formation as well. We also found out that if type-I migration is considered, disk’s
solid component profile becomes flatter than MMSN after the gas depletion. The inner
region of the disk is depleted significantly. This result is consistent with our Solar system,
because no planet exists inside Mercury, and may also apply to other planetary systems

as well.



Chapter 1

Introduction

1.1 Planet Formation Scenario

Planets are formed through the accretion of smaller bodies, called planetesimals. The
~ km sized planetesimals coagulate and runaway accretion takes place to form runaway
bodies (e.g., Greenberg et al.1978, Wetherill and Stewart 1989, 1993, Spaute et al. 1991,
Barge and Pellat 1991, Kokubo and Ida 1996, Inaba et al. 2001). Such runaway bodies
continue to grow oligarchicly and reach isolation mass, which is about the size of the
Mars in the cases of the minimum mass solar nebula (MMSN‘) (Hayashi 1981), and form
about ~ 20 protoplanets in the terrestrial planet region (Kokubo and Ida 1998, 2000,
Weidenschﬂling et al. 1997). The protoplanets that reach the isolation mass become
stable temporarily. However, their orbits become unstable after a certain period, and they
start to coagulate through giant impacts and form terrestrial planets (e.g., Chambers and

Wetherill 1998, Agnor et al. 1999, Kominami and Ida 2002).

1.2 Effect from the Gas Disk

Since the planet formation takes place in an abundant gas disk except in the final stage, the
bodies suffer the orbital changes due to the aerodynamical gas drag (Adachi et al. 1976)
and the disk-planet interaction (Goldreich and Tremaine 1979, 1980). As the planets grow,

they tidally excite density waves in the gas disks. The recoil of the wave excitation damps

the bodies’ eccentricities and inclinations (Shu et al. 1983, Ward 1988, 1993, Artymowicz
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1993, 1994, Ward and Hahn 1994, Tanaka and Ward 2004). The excitation also exerts
a net torque on the bodies and usually takes away the angular momentum of the bodies
(Ward 1986, Korycansky and Pollack 1993, Tanaka et al. 2002). In this paper, we will
call the damping due to this tidal interaction with gas disks as “gravitational drag”. This
type of migration is known as “type-I migration”. Highly eccentric and inclined orbits,
which are acquired during fhe giant impact stage, can be damped by the wave excitation
in the residual disk (Kominami and Ida 2002, Agnor and Ward 2002).

The orbital elements of small planetesimals are mainly damped by the aerodynamical
gas drag. When a body is larger than lunar size, the gravitational drag dominates the
damping (Ward 1993). Since the isolated protoplanets are about Mars-sized in MMSN, the
disk-planet interaction has large effect on formation of protoplanets. The migration time
scale for a Mars-sized planet at 1AU is estimated to be 7 x 10° years (Tanaka and Ward
2004). Since this time scale is comparable to or shorter than the depletion time scale of
disk gas, the protoplaneté would suffer largé inward migration. It is more difficult for the
Jovian planets’ cores to survive the migration. For example, the migration time scale for
a core with 5Mg at 5 AU is 1.6 x 10° years, which is much shorter than the formation time
scale of the core (Kokubo and Ida 2002, Inaba et al. 2003). For the core to be transformed
into a gas giant planet, it must acquire a mass of this size before disk gas depletion. Figure
1.1 shows in which disk, with what depletion time scale, planets with isolation mass at
1AU can survive, assuming a fixed gas to dust ratio, ¥z/¥s = 3gen/>ssn, where X and
Y., are the solid and gas surface densities of the disk respectively, and s gy and g gn are

those in MMSN, defined by (Hayashi 1981)

X )—3/2 (g/cm?), Tgen = 1.7 x 10° (‘9—)_3/2 (g/em®). (1.1)

ES,SN = 7.].fice (m

1AU

Since there is an ice boundary (~ 3 AU in Solar system) in the disk, fi.e is 1.0 at a < 3.0AU

and 4.0 at @ > 3.0AU. The line is drawn by equating Tgrav,mig (2.12) with disk gas depletion



0.5 |- fall to the Sun

log /24

—-0.5 survive

log 74, (yr)

Figure 1.1: The disk surface density at 1AU as a function of gas depletion time scale
obtained by equating Tyrav,mig (€q.(2.12)) and 74ep. Isolation mass mis, is substituted for
the mass. :

time scale 74ep. For my, in eq.(2.12), the isolation mass, given by

— 0.003 [ 2= 3/2( ¢ )3/4M (1.2)
Miso = S99 Shen 1AU ® '

(Kokubo and Ida 2002) is used. Planets can survive if the disk has surface density below
the solid line for a given depletion time scale. The observationally inferred value for the
depletion time scale is ~ 10° — 107 years (e.g., Haisch et al. 2001). If 744, = 10 years, the
isolated protoplanets at 1 AU in MMSN can marginally survive. However, if 14, = 107
years, the protoplanets definitely fall to a host‘star. For safe survival, 7qep < 7 x 10° years

is needed.

1.3 Migration Retardation Possibilities

One of the possibilities to alter the migration time scale in the terrestrial planet region
is the inclusion of turbulance. which may be able to change the migration direction

randomly (Laughlin et al. 2004, Nelson et al. 2004). However, it is unclear whether the
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total inward migration time scale is altered or not. Although the random component is
added, there still exists the ordered monotonic inward migration component. The second
possibility is the “type-II migration” (Lin and Papaloizou 1985, Ward 1997). Once a core
exceeds a critical mass ~ 10Mg, runaway gas accretion takes place (e.g. Mizuno 1980,
Bodenheimer and Pollack 1986, Pollack et al. 1996) and forms a gap in a gas disk when
the planet mass reaches 2 10Mg (Lin and Papaloizou 1985). The grown giant planet
is trapped into the gap and migrate as the gap migrates toward the central star with a
time scale that is ~ 10% times longer than the “type-I migration” time scale (Ward 1997).
Ravikov (2002) studied the disk condition in terms of viscosity and disk aspect ratio for
gap formation _in.a gas disk to find that a gap can form if the core’s mass exceeds 2-15Mg.
Although the isolation mass (Kokubo and Ida 2002) at 5AU in MMSN is ~ a few Mg,
which can marginally open up a gap, that in the terrestrial planet region (~ 1 AU) is
~ 0.1Mg, which is too small for the gap formation. Hence, it is unlikely that type-I

migration moves into type-II migration in the terrestrial planet region in MMSN.

1.4 Approach in this Paper

Another possibility for the change in the orbital migration is the gap formation in a
planetesimal disk. The runaway protoplanets form gaps in the disk (Ward and Hahn 1995,
Tanaka and Ida 1999). Ward and Hahn (1995) showed that a migrating protoplanet can
shepherd the planetesimal disk by opening a gap if the migration is slow enough. Tanaka
and Ida (1999) estimated the minimum migration time scale for the shepherding to take
place. Gap formation leads to formation of a high density region inside the protoplanet’s
orbit, and it can slow down the inward migration speed. The migration retardation due
to the shepherding of the planetesimal disk has not been examined in detail yet, and it
may slow down the migration significantly.

Previous N-body simulations of planetesimal accretion have not included the type-I

migration for simplification. In the present paper, we include both of the drag forces: the



aerodynamical gas drag and the gravitational drag. We put oné protoplanet seed in a
planetesimal disk. The seed migrating inward can open a gap in planetesimal disk (Ida
and Makino 1993, Tanaka and Ida 1997, 1999). We investigated how this gap affects .
the accretion and migration of the protoplanet and how long such retardation lasts. We
included mutual gravitational interactions and coagulation of the planetesimals as well as
the protoplanet-planetesimal interactions and accretion of the protoplanet. The torque
from the disk gas that causes type-I migration is given as a parameter. We will show that
the gap slows the migration. However, such period is short compared to the total migra-
tion time scale. The gap is eventually broken by the enhanced gravitational perturbation
due to the growth of the planetesimals. We will also show that the accretion rate of the
migrating protoplanet seed is not as fast as expected in the case without the gravitational
interactions between the planetesimals in Tanaka and Ida (1999). As the planetesimals
grow, their inclination increases and the growth rate can not be enhanced as predicted by
them. | |

The migration and the formation process carries on with the existence of multiple pro-
toplanets. Also, the disk gas dissipates with time. The protoplanets and planetesimals
supplied from the outer region may affect the migration and accretion. In this paper, we
also carry out N-body simulations with a wider disk including all these effects to see if
the migration can be affected by them. We consider the growth of the planetesimals as
well, by starting the simulations from the planetesimals. Ten simulations were performed,
including the aerodynamical gas drag and the disk-planet interaction. We set the grav-
itational force become smaller exponentially with time. This treatment corresponds to
the exponential depletion of the disk gas.

‘Initially heavy disk produces large protoplanets which migrate fast toward the central
star. The accretion and the migration proceed from the inner region of the disk. As time
evolves, the region that these processes take place moves to outer region. Meanwhile,

the gas dissipates and the migration time scale for the protoplanets becomes longer. We
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check the migration and accretion of the runaway protoplanets and show that they are
not affected by other protoplanets and planetesimals reside inner and outer orbits. We
derived the analytical formula for time evolution of disk surface density as a function
of the disk gas depletion time scale, which agrees well with N-body simulation results.
The formula is based on the assumption that a protoplanet residing in a gas disk alone.
The consistency between the analytical formula and the N-body results also shows that
although a wider range of a disk with growth and multiple protoplanets are considered,
the migration of a body proceeds as if it is placed in a gas disk alone.

The migration time scale has some uncertainty. If turbulence is considered, the mi-
gration time scale can be modified from the one that is derived assuming one protoplanet
being in a gas disk. We introduce a migration retardation factor, which is a function of
some constant and a initial gas to dust ratio of the planetesimal disk. By carrying out
such treatment, we set constraints on the migration time scale for protoplanets to survive
in disks with various gas fo dust ratio. The difference between the reméining protoplanet
disk after the gas depletion that included type-I migration and the model without the
migration is discussed as well.

In the next chapter, the gap opening in the planetesimal disk is discussed, and in the
third chapter, the effect of multiple protoplanets considering a wider disk is explained.
Each chapter is divided into sections for simulation model explanation, the results and

the summary. The chapters for the discussion and conclusion follows.
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Chapter 2

Gap Formation in Planetesimal Disk

2.1 Model

2.1.1 Drag Forces

Aerodynamical Gas Drag
The aerodynamical gas drag force per unit mass takes is (Adachi et al. 1976)
1 ,
.fgas = _%‘ODWngaslul/l% (2'1)

where Cp = 0.5 is the gas drag coefficient, D is the body’s physical radius and m is the

mass. The disk gas density pgas is written as

_1x 107 () (e )T (g cm™) (2.2)
Pees = = EgSN 1AU gem .

where 7y, is the body’s distance from the central star. In eq(2.1) u is the relative velocity
of the body and the disk gas, which is resulted in by orbital eccentriicity e and inclination
i of the body and the deceleration of the disk gas velocity vgs from the Kepler velocity

Ukep due to pressure gradient given by Adachi et al. (1976)

_ Ukep — Ugas __ ( Tp )1/2
= ——— =10.0019 2.3
g Ukep 1AU ( )

where we used the temperature distribution of an optically thin disk (Hayashi 1981),

~1/2
Ty = 2.8 x 102 (1X’U> (K). (2.4)
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The gas drag causes damping of e and ¢ and inward orbital migration. The time scale for

e damping due to the gas drag is given with © ~ evkep by

1/3 2/3 -1
Tone = [ul ~ 108 m / P : s ( & )13/4( 6 )_lyears
1 f gas] Mg 3g cm™3 YesN 1AU 0.01 ‘

(2.5)

Gravitational Drag due to Disk-Planet Interaction

A planet gravitationally perturbs the disk gas and excite density waves. It damps the
planet’s semimajor axis (Goldreich and Tremaine 1979,1980, Ward 1986, Korycansly and
Pollack 1993, Tanaka et al. 2002) and eccentricity and inclination (Shu et al. 1983, Ward
1988, 1993, Artymowics 1993, 1994, Ward and Hahn 1994). Tanaka et al. (2002) and
Tanaka and Ward (2004) carried out linear calculation to investigate three-dimensional
density waves excited by a planet with mass mp, eccentricity ep, inclination ¢, and semi-

major axis ap. They derive the forces exerted on the planet as follows.

Q 4
Farore = (f”i> (“p P) $a2 0 (242 [up — roSic(rp)] + Au) . (2.6)

c
0 4
fgrav,0 = (ﬁ> (ap p) Egagﬂp (2145 [’Ue - ’f'pQK(’l"p)] + AZ’Ur)

2
+2.17 <ﬂ> (“"Q") Seap Q. 2.7)

c

m app\* . <
fgrav,z - (‘—})‘) ( pC p) Egagﬂp (2AZ’UZ + AZZQP) . (28)
where c is the sound speed, (2, is the Keplerian angular velocity at ap and wvg, v, are
azimuthal and radial velocities of the planet respectively. The second term of ferave

damps ap. The other terms in fgavy and faave damp e, and fgav, damps i,. The

coefficients are

AS=0.057, AS=0.176, (2.9)
A= —0.868, AS=0.325, (2.10)
AS=-1.088, AS=—0.87L. (2.11)
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In MMSN, the migration time scale is

7.0 x 101 [ e T Y B T 2.12
Tgrav,mig — (.U X MQ; <1AU) Eg,SN years ( )

The damping time scales of eccentricity and inclination are

Tgrav,e = 1~3Tgrav, Tgrav,i = 1-87-grav (213)
where
Mp e c -1 9 ( Tp ) Mp g
oy = — ) ot=ax10? (22 (I
Te= =\ Mo M o) P TP NTAU) \ M) S/ T
p £,
| (2.14)

Comparison of Eqgs.(2.5) and (2.14) shows that the disk-planet interaction becomes dom-

inant over aerodynamical gas drag for m, 2 0.003Mg, if e ~ 0.01.

2.1.2 Method of Calculation

Initial Distribution of a Protoplanet and Planetesimals

We carried out 6 simulations, RunB0.5, RunB1, RunB2, RunB3, RunB4 and RunBS5.
The number “z” in RunB“x” represents the value of an enhancement factor By, defined
below. Each of them starts with 8410 planetesimals, ranging from 0.9 AU to 1.1 AU, and
one runaway protoplanet seed is placed at 1.05AU. Protoplanet’s mass is 3 x 10%® g and
each planetesimal has a mass of 3 x 102 g. The radial distribution of the planetesimals
follows s gn. It is suggested that runaway growth starts when the planetesimal mass is
as small as ~ 10! — 10%° g (Ohtsuki et al 1993, Inaba et al. 2001). Our adopted value of
the planetesimal mass is set to be much larger than it should be to save the simulation
time. In order to reproduce the same strength of drag force on smaller planetesimals,
the aerodynamical gas drag for planetesimals is enhanced by a factor of 40 from that in
MMSN. This enhanced drag force on a 3 x 10%*g body corresponds to the normal drag
force on a 5 x 10'®g body in MMSN. The strong drag force on planetesimals tends to

facilitate the gap formation by a protoplanet (Tanaka and Ida 1999).
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Scaling of a Migration Parameter

Although we adopt ¥sgn, gas and solid components can move independently, so that 3,
can differ from Y,gn. To take into account such an effect (and for other possible effects
to change the numerical factors f,.,,), we introduce an enhancement parameter Bgray,
such as f,. = Bgravf grav,sns Where fo00 o 18 f oy With X = Yigsn. The value of Byray
in each simulation is listed in Table L.

A protoplanet pushes away the planetesimals through gravitational scattering with
the help of self-gravity of planetesimals (Ida and Makino 1993) and gas drag (Tanaka
and Ida 1996) and forms a gap in a planetesimal swarm. As the protoplanet migrates
inward, planetesimals inside the orbit of the protoplanet tend to approach the protoplanet.
The gravity of the protoplanet tends to push them away while the recoil pushes back the
protoplanet. This process is called “shepherding” of planetesimals by a protoplanet (Ward
and Hahn 1995). If shepherding occurs, torque exerted on a protoplanet by a gas disk
is transported into the planeteimal disk, so that the migration of the protoplanet slows
down.

However, shepherding does not always take place. For fast migration, it is difficult
for the shepherding to take place. Tanaka and Ida (1999) estimated a critical migration
time scale Tmigarit for shepherding to occur (e.g. fig.5 of Tanaka and Ida 1999). The
protoplanet can shepherd the planetesimals if Tgrav,mig > Tmigarit- For a protoplanet with

mass of 3 x 10%® g and the aerodynamical gas drag being enhanced by the factor of 40,
Trmig,crit = 3.1_% 10°T¥, (2.15)
where T is the Keplerian period. Equation (2.12) with m, = 3 X 10%° g reads as
Terav,mig = 1.4 % 10° B3, Tk. (2.16)

Hence, Shepherding should take place in the simulations with

Bgrav S ‘Bgrav,crit - 4, (217)
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according to their estimation. However, Tanaka and Ida (1999) did not take into account
the gravitational interactions between the planetesimals and their growth. These effects

are included in our simulations. We will show that these effects inhibit shepherding.

2.1.3 N-bedy Simulation Scheme

We integrate orbits with 4th order Hermite scheme (Makino and Aarseth 1992) with
hierarchical individual time step (Makino 1991). The equation of motion is written as

below.
d’Uj GM@ GMj

di |'rj|3 ’ Jtk "rj — 7i/?

(Tj - ’f'k) + fgas -+ -fgrav (218)

where r; is the heliocentric position vector of particle j. The first term is gravity of the
central star, the second term is mutual gravity between the particles, the third term f gas
is aerodynamical gas drag and the last term f,,., is drag due to tidal interaction with a
gas disk, as explained in section 2.1. Since the total mass of the planetesimals (and the
protoplanets) is ~ 107° times the mass of the central star, we neglecf the indirect term.
When the distance between two bodies becomes less than the sum of their radii, we
consider the bodies to merge, assuming perfect accretion. Physical radius of a body is
determined by its mass my;, and internal density p, as
D= (%%’) 1/3. (2.19)
We adopt 3g cm™ as pp. In order to shorten the calculation time, we enhance the

collisions by expanding the physical radii of the bodies by 5 times as in Kokubo and Ida
(1996).
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2.2 Results

2.2.1 Short Term Orbital Evolution

The time scale of gravitational stirring of planetesimal eccentricities (€2)'/2 due to per-

turbations from a protoplanet with my, is (Ida and Makino 1993)

, . 1 1/3
L/ a \¥2 [ ()12 my
Tvs ~ 1 x 10 <—1AU) ( 5 3% 10%g (years). (2.20)

The eccentricities and inclinations are normalized with A, as below.

e ~ )
€ == ) == 2.21
€ hp, ? hp ( )
where
m 1/8
= p . 2.22
iy (3M@> (2.22)

A gap will be opened up in the planetesimal disk on this time scale, if diffusion of the
planetesimal swarm and migration of the protoplanet do not exist. As described in the
previous section, the analytical estimate by Tanaka and Ida (1999) suggests that a gap
formation is inhibited by the migraiton if Bgray 2 Berav,erit = 4

To see the migration effects, we plot the snapshots on é-a plane at t = 5000 years of
each simulation in Fig.2.1. Since (82)'/2 ~ 2 and m, ~ 3 x 10%°g in our calculations, Tys
is sufficiently shorter than 5000 years. In the snapshots, two thick lines in each of the

snapshots are E; = 0 lines, where Jacobi energy Ej is defined by (Hayashi et al. 1977)

(&+7) - -2—132 42 (2.23)

By = .

1
2
and

hpap .

b= (2.24)

We used é ~ 0 and i ~ 0 to draw the E; = 0 lines. Only planetesimals in Ej > 0 region
between the two lines can closely approach the protoplanet. RunB0.5, RunB1, RunB2
and RunB3 show “clear gap” formation, where a clear gap means that few planetesimals

exist in the Fj > 0 region. In RunB4, small amount of planetesimals are left in the
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a [AU] a [AU]

Figure 2.1: Snapshots on é-a plane of all the simulations at ¢ = 5000 years. Size of the
dots are proportional to the radius of the particles. Particles with m > 2 x 10%g are in
solid circles. Two solid lines are Ejy = 0 lines. Significant amount of planetesimals are in
the Ej > 0 region in RunB4 and RunB5.
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Figure 2.2: Time evolution of the semimajor axis of the proplanet seed of every simulation
during the first 10* years. The dotted lines are the analytical estimates derived by using
Terav,mig- L he solid lines are the N-body simulation results.

Ej > 0 region, indicating the gap opening is marginal. Clear gap formation is apparently
inhibited in RunB5. These results are consistent with the analytical condition of gap
formation, Bgrav < Bgrav,crit = 4.

The semimajor axis evolution of the protoplanet seed during the first 10* years is
shown in Figure 2.2. The dotted lines are the analytical solution derived by Tgray,mig =
ap(dap/dt)~! with eq.(2.16). They show the evolution without any migration retardation.
The solid lines are the simulation results. In RunBO0.5 - 3, as the gaps are formed, the
gradient of the solid lines becomes smaller than the analytical lines. The migration is

retarded by the shepherding due to a gap formation in the planetesimal disk. In RunB4,
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the solid line and the dotted line are almost the same. Since a gap in the planetesimal
disk is not clear enough, the migration retardation can not take place. RunB5 resulted in
even faster migration than the analytical speed. The close encounters with planetesimals
in Ej > 0 also induce inward migration of the seed in addition to the inward migration
due to the gravitational drag, as explained later, resulting in faster migration than the
analytical estimation.

In our simulations, when Bgay < 4, clear gap formation and migration retardation
are apparent. When Bg., > 4, a gap can be opened, however, the migration is not
retarded (rather accelerated in the Bg.y = 5 case). Hence, in the short term, the N-body

simulation results are consistent with the analytical estimate.

2.2.2 Long Term Evolution
Orbital Evolution

Although a gap opening and the migration retardation are apparent in the short term
( £ 10* years) in RunB0.5-3, they are not maintained in a longer term. Figure 2.3 is the
semimajor axis evolution of the protoplanet seed in each case. The migration retardation
ceases after ¢ = 3.5 x 104, 3 x 104, 2.5 x 10* and 2.0 x 10 years in RunB0.5, RunB1, RunB2
and RunB3, respectively. Figure 2.4 shows the é-a plane snapshots in each case, after
the gap is broken. Planetesimals start to fill Ej > 0 region from small a region. They
undergo close encounters with the protoplanet seed and are thrown behind the seed. Asa
result, the seed loses angular momentum, gaining more inward migration (Ida et al. 2000,
Gomes et al. 2004). When the transport of the planetesimals starts, a large amount of
planetesimal is thrown behind at once as an avalanche, since a high density region has
been formed in front of the protoplanet seed. The avalanché results in a sudden increase
in the migration speed of the seed, as in Figure 2.3. It becomes even faster than the
analytical value, temporarily. After the avalanche event, the migration speed becomes
almost the same as the analytical value. Although the acceleration of the migration

should keep going as close encounters with inner planetesimals are more dominant than
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Figure 2.3: Time evolution of the semimajor axis of the proplanet seed of RunBO0.5,
RunB1, RunB2 and RunB3 for longer period than 10* years. The notations are the same
as in Fig.2.3.
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Figure 2.4: Snapshots of é-a plane of RunB0.5 at t = 4.5x 10* years, RunB1 at ¢ = 3.5x 10*
years, RunB2 at ¢ = 3.0 x 10* years, and RunB3 at ¢t = 2.5 x 10* years. The notation is
the same as in Fig.2.1
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those with outer ones (Ida et al. 2000, Gomes et. al. 2004), it is not apparent. In RunB5,
such avalanche starts in the early stage of the simulation. Although the gap is not clear,
amount of planetesimal that resides right inside the protoplanet’s orbit is large, which

causes the early avalanche event.
The Break Down of Gaps

The time when the retardation stops has Bgay dependency. Table II is the list of the time
scales and the masses of the planetesimals at the gap break down.

The larger Bgay i, the shorter the gap break-down time (Theax) the simulation has.
As discussed below, the slower the migration is, the larger planetesimal mass (Mpyeak)
is needed to break the gap. The growth time scale Tgow of a body with mass mpreak is

(Kokubo and Ida 2002)

Tgrow = Mbreak / mbreak (2 25)

v O\ (o) p 1/3
78 % 103(&2 (_) rea P
78 x 10°7) 2 10%g 3g cm—3

Esolid - a 1/2
(7g cm‘2> (W) (years). (2.26)

Since Tyow increases with Mipreak, and Migeax for the gap break down decreases with Bgpay,

the dependence of Threak 0N Bgray can be accounted for by Tigrow.

The dependence of Mpreak 0N Bgray is explained as follows. The planetesimals placed
close to Fj = 0 region begin to grow when the gap is made. When the planetesimals
grow, the gravitational interactions between the planetesimals become stronger. Such
interaction causes the planetesimals to move into Ej > 0 region, where they can inter-
act with the protoplanet seed. The seed loses the angular momentum as it throws the
planetesimals behind, and gains the migration speed. Once this reaction starts, a large
amount of planetesimals that resided around Fj = 0 is translated to the outer orbit of
the seed at once, and the avalanche migration of the seed takes place.

When the migration speed is 0, mpimax for the gap to be filled can be estimated

by the condition for the dominance of protoplanet-planetesimal interactions relative to
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planetesimal-planetesimal interactions obtained by Ida and Makino (1993) as

-2/5 3/10
mp m a
m 30 (1023g> <1AU> ’ (2.27)

if (%)1/2 ~ 2. When the protoplanet seed has a mass of ~ 3 x 102g, ) may = 2 X 10%6g.

The growth time scale for such a mass is ~ 2.3 x 10* years (Kokubo and Ida 2002).
This time scale is the upper limit for the gap to break. As the migration becomes faster,
MplL,max for breaking the gap becomes smaller. Hence, Threax (~ Tarow) needed for gap

disappearance is shorter.
The Case with Smaller Initial Mass of Planetesimals

From the analytical estimate, a clear gap opening and shepherding occur if the migration
speed satisfies Bgay < 4. Our simulations show the results consistent with the analytical
estimate in short term, but the shepherding only lasts for the growth time scale to mp) max-
Our simulations start with relatively large planetesimals for computational reason. A
realistic initial mass of planetesimals may be much smaller. However, even if the initial
mass is 10°°g and radius enhancement factor f = 1, Tyrow(Threak) < 2 X 10° years, which
is shorter than the gas disk life time (~ 10°-107 years). Hence, even if realistic initial
mass of planetesimals is considered, our conclusion that the shepherding can not last long
enough, and that the gap formation in a planetesimal disk can not retard type-I migraiton

does not change.

2.2.3 Growth of the Protoplanet

The growth of the protoplanet seed is affected by the evolution of planetesimal disk as
well. Figure 2.5 shows the mass evolution of the protoplanet seed of RunB5, RunB4,
RunB3, and RunB2. The dotted line is the analytical estimate that is derived by Tanaka

and Ida (1999) as
dM,
dt

= 21h2a2Ysota < Peat > T . (2.28)
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Figure 2.5: Time evolution of the mass of protoplanet seed in RunB5, RunB4 RunB3
and RunB2. The dotted line is the analytical estimate that is derived by Tanaka and Ida
(1999). The collistion rate is multiplied by 2 because of the enhancement due to the gas
drag. Solid lines are the N-body simulation results. The dashed line is drawn assuming
no migration. ‘
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Considering the aerodynamical gas drag effect, the collision rate (eq.(3.20) in Tanaka and
Ida,1999) becomes larger by factor of ~ 2. For the inclination, the escape velocity of the
initial planetesimals is used (igesc = 0.76). The results of RunB5 and RunB4 agree well
with the analytical estimate. However, as the migration becomes slower, the rate becomes
smaller in the N-body simulation results than the analytical estimate, as in RunB3 and
RunB2. Thisis due to the increase of the planetesimals’ inclination. The larger inclination
makes the growth rate become smaller (Tanaka and Ida 1999). The average inclination
of the planetesimals is (i%)}/2 ~ 0.82 at ¢ = 3 x 10 years in RunB3, and (12)1/2 ~ 1.22 at
t = 4 x 10* years in RunB2. These values are larger than %o,esc = 0.76. This inclination
increase is due to the growth of the planetesimals. The planetesimals have longer time
to grow in the slower migration cases. As the planetesimals grow, their escape velocity
becomes larger as well. The growth of the planetesimals lowers the growth rate of the
protoplanet seed. However, although there is a difference in the rate as the planetesimals
grow, the difference is factor of ~ 2 in RunB2 and RunB3.

As mentioned earlier, our simulations start with rather large planetesimals for compu-
tational reason. If we consider smaller planetesimals, the inclination of the planetesimals
will be smaller and the growth rate becomes as large as that estimated in Tanaka and
Ida (1999), which is about ten times larger than the case with no migration (Kokubo and
Ida 2002). However, such small planetesimals grow quickly. The dashed line in Fig 2.5 is
drawn assuming no migration. The growth rate of RunB5 is ~ 3 times that of the case
with no migration. Planetesimals with intial mass of 102°g will grow to the size of 10%
g in ~ 10* years (Kokubo and Ida 2002). As.they grow, the inclination becomes higher.
Hence, high growth rate period will not last and quickly decreases to ~ 3 times the case
of no migration (dashed line). Such a high growth rate period does not sustain long even

if we consider the smaller initial planetesimals because of the growth of the protoplanets.
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2.3 Summary

The speed of type-I migration can be altered if the torque exerted by the planetesimal
disk is considered. If a gap is formed in the planetesimal disk around the protoplanet’s
orbit, the radial motions of the disk and the protoplanet are coﬁpled through shepherding.
Then, in order for the protoplanet to be pushed inward by tidal interaction with a gas
disk, angular momentum of the protoplanet and the planetesimal disk as a whole needs
to be removed. As a result, the migration of the protoplanet can be retarded if the mass
of the planetesimal disk is larger than that of the protoplanet. We have performed N-
body simulations on formation of protoplanets including aerodynamical gas drag and drag
force due to disk-planet interaction. The simulations were done with one protoplanet seed
embedded in a planetesimal disk in order to study the effect of planetesimal disk torque
exerted on the migrating protoplanet. Six simulations were performed, with variation
of the migration speed;. the speed that is equivalent with Bg,y times that in MMSN
(Bgrav =0.5, 1, 2, 3, 4 and 5). The main results are in the following.

1. During the first ~ 10* years, clear gap formation and shepherding take place in the
simulations with Bgray < Bgrav,erit = 4, as the analytical estimate predicted.

2. However, the gap is not sustained for more than 10° years. The time scale for the gap
to break down (Threax) is shorter for faster migration, and is related to the planetesimal
growth time scale. A clear gap breaks when the gravitational interactions between the
planetesimals become strong enough to push each other inside Ej > 0 region. Such
a planetesimal mass for breaking the gap (mpimax) is larger for slower migration. In
reality, initial planetesimals are much smaller than we used in our simulations. However,
the growth time scale for them to become 1) max is significantly shorter than the disk
life time. Hence, the gap break-down mechanism is not affected largely by the initial
planetesimal mass.

3. The accretion rate of the migrating protoplanet seed is not as fast as expected in the

case without the gravitational interactions between the planetesimals in Tanaka and Ida
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(1999). Initially, when the planetesimals are small ( < 10%° g), the growth rate would be
~ 10 times as the case with no fnigration as they say in Tanaka and Ida (1999). However,
they quickly grow (~ 10* years) and their gravitational interactions become stronger,
increasing the inclinations among themselves. Such high inclinations lower the growth
rate by half or more.

Inclusion of the torque from the planetesimal disk does not have significant effect on
the type-I migration. So far, we have considered one protoplanet seed in a planetesimal
disk in a limited range of semimajor axis. The planet formation proceeds with multiple
protoplanets. The interaction between the protoplanets may alter the result. Large bodies
that form in outer regions, migrating inward can also influence the growth of protoplanets

in inner regions. We will investigate such effects in the following chapter.
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2.4 Tables

Table 1

Simulation Parameters of RunB0.5 - RunB5

Run Bgrav
RunB0.5 | 0.5
RunBl1
RunB2
RunB3
RunB4
RunB5

Y x| W N —

For all of the runs, the planetesimal disk ranges from 0.9 - 1.1 AU. Protoplanet’s mass mp =
3 x 10%g and each planetesimal’s mass mpl, = 3 x 1023g. The protoplanet is initially placed at
1.05 AU. Initial total number of bodies is 8410. The planetesimals are placed to fit the minimum

mass disk model. The migration speed is measured by Bgyay.

Table I1

Migration Speed and the Gap Break-Down

Biray 0 0.5 1 2 3
Toreak (yT) - 3.5 x 10* | 3x10* | 2.5x 10* | 2 x 10*
MpLmax(g) | 1.8 X 10%° | 8 x 10%° | 2 x 10%® | 1.4 x 10%° | 8 x 10*
Tgrow(yr) 2.3x10* [ 2.5x 10| 1.6 x 104 1 x 10% 8 x 103

List of the gap break down time T, reak, and the maximum planetesimal mass mp) max around the
vicinity of the protoplanet seed (region with a < ap and —25 < Ej < 0) at Tpreak. For the growth
time scale Tgrow, we used eq(6) in Kokubo and Ida (2002) with the parameters in our simulation.
For the eccentricity, the equillibrium eccentricity for 3 x 10%%g is used ((€2,)*/2 ~ 3.5). When
Bgray = 0, there is no migration. Analytical estimate from Ida and Makino (1993) is listed in
the Bgray = 0 column. When Bgyay = 1,0.5, ¥s/Xs sy ~ 0.7 in the simulations at ¢ = Threak. We

substituted Xs/¥sgn = 1 for Bgray = 0.
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Chapter 3

Effect of Multiple Protoplanets and
Other Planetesimals

3.1 Model

The model we incorporated in the second set of simulations are the same as in the previous
set, except for the exponential weakening of the gravitational drag force, and the initial

distribution of the planetesimals.

3.1.1 Initial Distribution of Planetesimals

We carried out 10 simulations, Runl-10. The initial conditions are listed in Table III.
The parameters for the planetesimal distribution are the outer boundary a.x of the plan-
etesimal disk, and the initial solid surface density g nit. The mass of each planetesimal
is mp1s, and the initial number of planetesimals is N. It is suggested that the runaway
growth starts when the planetesimal mass is 101%-10%°g (Ohtsuki et al. 1993, Inaba et al.
2001). We adopted a planetesimal mass that is much larger than it should be in order to
save the simulation time. In order to reproduée the same strength of drag force on smaller
planetesimals, the aerodynamical gas drag for planetesimals is enhanced by factor of 40,

as in previous set of simulations.
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3.1.2 Migration Enhancement Parameter

As in the previous set of simulations, we incorporated Bg.y for migration enhancement
factor and adopt fgay = Beavfgavsns Where f,.,on is the gravitational drag with
Y¢ = Ygon at t = 0. The factor Byay corresponds to the amount of gas. We assume the

exponential decay of the gas disk,

Sy(£) = T exp <- t ) (3.1)

Tdep
where ¥,0 is the initial gas surface density and 74ep is the gas depletion time scale.

Correspondingly,

t
fgrav(t) = Bgravfgrav,SN €xp <_ ) ) (32)
Tdep

that is, the gravitational drag is parameterized by Bgray and 74ep. The parameters in each
of the simulations are listed in Table III. The initial solid surface density and the initial
migration enhancement factor is the same, that is, the initial gas to dust ratio is set to

be the same.
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a [AU] a [AU]

Figure 3.1: Orbital evolution of Run4 on e-a plane. The size of the dot is proportional to
the radius of the body. The solid dots indicate the bodies with m > 0.2M,.

3.2 Results

3.2.1 Effects from the Inner Bodies

Figure 3.1 shows the mass and orbital evolu’gion of Run4 (1qep = 10° years, Byray = 5).
Since the accretion time scale is shorter in the inner region, runaway growth takes place
in the inner region faster than in the outer region. The runaway bodies migrate to the
central star as they grow. The accretion time scale of the inner runaway protoplanets are
shorter than the ones in the outer region. Since the migration time scale is shorter with
the larger mass and smaller semimajor axis, the migration time scale of the inner runaway

bodies are considerably shorter than the outer ones. Figure 3.2 shows the migration time
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Figure 3.2: Migration time scale Tgrav,mig and the a of runaway bodies with m > 0.2Mg at
t = 104 years in Run4. The size of the dots is proportional to the mass of the protoplanet.
scale for the runaway protoplanets with m > 0.2Mg at t = 10* years. The size of the
circle is proportional to the mass of the protoplanet. The ones at ~ 0.3 AU were formed
at ~ 0.5AU and migrated during the first 10* years. This leads to faster solid material
depletion in the inner region.

Figure 3.3 shows the semimajor axis evolution of the largest protoplanets that emerged
at t ~ 5000 years and ¢ ~ 1.3 x 10* years. They fall toward the central star on time scales
~ 10* years. The dotted lines are the analytical solution derived by dap/dt = ap/Taep
and eq.(2.12), which assumes one body being in a gas disk alone. The solid lines are the
simulation results. The embryo that emerged at ¢ ~ 5000 years has a mass of ~ 0.5Mg,
and the one emerged at ¢ ~ 1.3 x 10* years has ~ 0.7Mg. The gradient of the solid lines
are ~ 0.92 times that of the analytical line for the left one, and ~ 0.84 for the right one.
The small retardation may be due to the perturbations from the other large bodies in the
inner region ( < 0.6 AU).

In the previous chapter, we found that the planetesimal disk gap retards the migration
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Figure 3.3: Semimajor axis evolution of the largest protoplanet that emerged at t ~ 5000
years (left lines) and ¢ ~ 1.3 x 10* years (right lines) in Run4. The dotted lines are
the analytical estimates that are drawn using Tgavmig. The solid lines are the N-body
simulation results.

during the gap exists in the planetesimal disk, because a protoplanet seed with 1000 times
larger mass than the individual planetesimal mass was placed initially. In the simulations
in the present paper, we follow the growth of the protoplanets from the planetesimals.
Since the formation time scale of the other large protoplanets is comparable with that
of the largest protoplanet, such a gap can not be formed. The migration time scale is
shorter with smaller a. Since the size of the protoplanets is comparable, the migration
speed of the inner protoplanets tends be faster than or comparable with that of the outer
ones. Hence, they move to the central star almost as if each protoplanet is placed alone

in a disk.

3.2.2 Effects from the Outer Bodies

In the present paper, we carried out global calculations in order to study the effects from

protoplanets and planetesimals supplied from outer regions as well. First, we check the
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outer boundary effect. In Run3, 4, and 5, the simulation parameters are the same, except
for the outer boundary amax (Table III). The final large protoplanets (with m, > 0.1Mg)
that are left in 0.5-1.5 AU at ¢ = 10° years have an average mass Mp,end = 0.35 Mg, 0.56 Mg
and 0.60Mg in Run3, Run4 and Run5, respectively (Table IV). The significantly lighter
Mpend in Run3 suggests that a disk with the outer edge at 2 AU is too narrow. We will
use the results only with outer boundary of 3AU or more, when we discuss the end results.
Figure 3.4 (a) shows the evolution of the semimajor axis of the largest protoplanet that
has grown in relatively outer region in Run4 form 3 x 105-5 x 10° years. The dotted line is
the analytical estimate based on 7Tgay mig, and the solid line is the result of Run4. As the
gas dissipates (TdeI; = 105 years), the migration slows down. We have already shown that
the inward migration is not effected by the inner protoplanets and the planetesimals. The
agreement between the analytical estimate and the N-body simulation result in Fig.3.4
(a) suggests that the bodies from the outer regions do not affect the migration either.
Figure 3.4 (b) shows the mass evolution of the protoplanet in Fig;3.4 (a). The dot-
ted line is the analytical evolution that is given by Tanaka and Ida (1999) assuming a
protoplanet migrating alone in a planetesimal disk. For the inclination in the formula,
equilibrium inclination in a gas disk (Kokubo and Ida 2002) is used. The N-body simu-
lation result agrees well with the analytical line. It shows that the accretion during the
migration is not affected by the other protoplanets and planetesimals supplied from the

outer regions during this period.

3.2.3 Evolution of Solid Surface density and the Final Planets

The amount of solid material in the terrestrial planet region changes with time for the
migration. Figure 3.5 (a) shows the evolution of solid surface density Y, averaged over
the region of 0.6 - 1.5 AU in Runl, Run4, Run7 and Runl0. The solid line is the N-
body simulation result. The surface density ¥ of solid components (planetesimals) is
normalized with that of Y5 gn in that region. The four simulations that are listed here

start with the same initial surface density Y = 5Xsgn, but with different 7gep. The
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Figure 3.4: (a) Semimajor axis evolution of the largest embryo from ~ 3 x 10° years to
5 x 10° years in Run4. The dotted lines are the analytical estimates that are drawn using
Terav,mig- Lhe solid lines are the N-body simulation results. (b) Mass evolution of the
protoplanet depicted in (a). The dotted line is the analytical estimate from (3.15) and
(3.20) in Tanaka and Ida (1999). Equilibrium inclination in a gas disk (Kokubo and Ida
2002) is used. The solid line is the N-body simulation result.
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Figure 3.5: (a) Time evolution of solid surface density lies in the region of 0.6 AU <
a < 1.5 AU of Runl, Run4, Run7 and Runl0. Gas depletion time scales are 74qep =
10%,10%,3 x 105, 10° years, respectively. The mass of planetesimals and the protoplanets
in the region is added and normalized with the mass expected to exist in the same region
of MMSN. Dotted lines are the analytical estimate (eq.(3.10)).
N-body simulation results. (b) Snap shots of Runl, Run4, Run7 and Runl0 at t = tena,
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from the top. The descriptions of the dots are the same as in Fig.3.1.
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depletion time scale for Runl, Run4, Run7 and Runl0 is 74e, = 104,105, 3 x 10° and 10°
years, respectively. The solid lines decrease with time in not only the simulations that
are presented in the figure, but also in other simulations.

The migration of the runaway protoplanets due to the gravitational drag in the inner
region is-faster than the planetesimal migration due to the aerodynamical gas drag. The
migration time scale of a protoplanet at ~ 0.5 AU with ~ 0.5Mg i$ Tyrav,mig ~ 10* years,
while that of the planetesimals due to the gas drag is 2 1.3 x 10° years. The runaway
protoplanets grow and migrate to the central star leaving the planetesimals behind. The
depletion of solid material in the disk is mainly due to the migration of the runaway
protoplanets into the central star. As explained in the previous section, the formation
and the migration proceed from the inner region, and the process is not affected by the
supply of the protoplanets and planetesimals from the outer region. Hence, the solid
surface density ¥ decreases with time from the inner region.

For the longer deplefion time scale, the amount of protoplanets rthat migrate to the
central star is larger. As in Fig.3.4 (b), the growth rate is not affected much by the
outer supply of protoplanets and planetesimals. Hence, the final X at ¢ = tenq decreases
with increase in T4ep as shown in Fig.3.5 (a). The final surface densities of all runs are
listed in Table IV. The time tenq is determined so that the migration time scale for the
bodies with my, > 0.1Mg in 0.5-1.5 AU at tend (Tmigend) longer than 74¢, and ¥ does not
decrease significantly any more. Figure 3.5 (b) shows the protoplanets and planetesimals
remaining at ¢ = {ena. The final planets are larger for the shorter depletion time scale
because final Y is larger. The average mass of the protoplanets with m > 0.1Mg is listed
in Table IV as well. The trend that larger protoplanets remain in the disk with shorter

migration time scale is apparent.
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3.2.4 Analytical Model for the Evolution of Solid Surface Den-
sity

In order to explain the time evolution of the solid surface density, we construct an analyt-

ical model. Since we found out that the growth and the migration are not affected by the

interactions between the protoplanets and by the the torque from the planetesimal disk,

the decrease of solid material can be described by using the linear solution. The migration

time scale Tgrav,mig 18 & function of the protoplanet’s mass my, and the semimajor axis ap,

as in eq.(2.12). If the protoplanet’s mass is large enough to satisfy

t > Tgrav,mig (mp7 ap), (3.3)

the protoplanet falls to the central star. When the time ¢ is longer than the gas depletion

time scale, the above equation is replaced by
Tdep > Tgrav,mig (mp7 ap), . (3.4)

because considerable amount of gas is depleted and major migration ceases when ¢ > Tyep.

The protoplanet’s mass that satisfies
t = Tgrav,mig(Mp, ap), (3.5)

is the maximum mass My max that survives in the disk at ap. If the time ¢ is longer than

the depletion time scale Tqep,
Tdep = Terav,mig (M, Gp) (3.6)

gives the mp max at ap.

When the mass of the protoplanet my, exceeds mpmax, it falls to the central star. As
the protoplanets fall, the solid surface density > decreases. New protoplanets are formed
in the disk with decreased Y. If the new protoplanets reach the mass of mpmax again,
they migrate to the central star. As the Y; decreases, the newly formed protoplanets’

mass decreases as well. Eventually Y reaches a point where the protoplanets can not
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reach mp,max. Then the decrease of ¥ stops. Because 1mp max is a function of ¢ and aj,
the equilibrium 3 is given by ¢ and a(= ap).
To derive such 3, a function to express m;, with ¥ is needed. We first estimate m,,

to be an isolation mass (Kokubo and Ida 2002)

_ Esfice 32 Qp )3/4
My = Miso(Ss, ap) = 0.093 ( = ) ( ) M, (3.7)

where we assume that the separation between the protoplanets is 10 times their mutual

1/3
2mp
g . 3.8
Tm,H <3M@‘) N (3.8)

Hill radius

The isolation mass is derived assuming the protoplanet accretes all the planetesimals that
reside within 107y, around the protoplanet. We use it as a typical mass for runaway
bodies in a disk with Y at a,. Substituting ms into Tgav.mig, We obtain the migration

time scale for isolation mass,

Esfice ~8/2 a 3/4 b !
Tgrav,mig(mi807 ap) =175 X 105 (ES,SN> <1APU) gg;N (39)

Applying eq.(3.9) for eqgs.(3.5) and (3.6), we obtain the equilibrium solid surface density

as a function of ¢ and a(= ay),

3 Zsi,init:fice [t < t ]
<25fme> = e % 1/2 ' (3.10)
z )T >t

—2/3 —2/3
Es,SN (7.5)< 105yr) ( Yg SN ) (.IALU *
her
where (Seimif: —3/2 Y, -1 a \3/M
=75x%x10° | === —£ — . 11
tx =7.5x 10 ( o ) .(Eg,SN> <1AU> years (3.11)

Protoplanets can start the migration before my, reaches m;s,, and
mp = mp(t, Xs, ap) (3.12)
should be used for eqs.(3.5) and (3.6). In other words, the condition

t = Tgrowf,h (313)
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is used to evaluate mp. Since we consider the mass of protoplanets that undergo major
migration,

Tdep = Tgrowth- (3 1 4)

is used when ¢ > 74ep. If ¢ is large and the protoplanets have already grown to the mass
close to Mmiso, €q.(3.7) is suitable. However, when ¢ is small and the protoplanets have not
grown enough, eq.(3.12) is more appropriate to evaluate mpmax. The specific equations
of Y using eqs.(3.12) and (3.5) are derived in the Appendix.

The analytical estimate of Y5 derived using eq.(3.5) and eq.(3.7) is plotted in Fig.3.5 (a)
in dotted lines, assuming a, = 1 AU. The N-body simulation results are the averaged value
of Y5 over 0.6 - 1.5AU as explained previously. Since the physical radius enhancement is
f = 5 in the simulations, the protoplanets around 1AU grows quickly to ~ mis. Hence,
the N-body results averaged over the region near 1AU match the analytical estimate using
Miso Well. Note that in Runl, the analytical line does not drop from the_initial value. The
depletion time scale is shorter than the migration time scale for the isolation mass in the
disk with g inie = 5.08s sn.

The time averaged value of final ¥s/Yssn of each of the simulations is listed in Table
IV. The analytical value Y5 an/Ys sn is derived using egs.(3.5) and (3.7). They agree with
each other within a factor 2 except for Run9 and Runl0. Note that Yan/Yssn in Run9
and Runl0 is fairly small. Since the planetesimal size is relatively large, the simulations
are not sensitive enough to express such a small surface density. Except for such cases,
the trend that smaller amount of material remains in the disk with longer depletion time
scales is apparent.

Figure 3.6 shows the snapshots of Y5 evolution on Ys-a plane. The dots are the N-
body simulation result in Run4 (74ep = 10° years). We divided the simulation area with
separations of Aa =0.2AU, smoothed out the mass distribution of the planetesimals in
that region to evaluate 3. The evaluated ¥ is normalized with ¥sgn. Since formation

and migration of runaway bodies start from the inner region of the disk, ¥ decreases

41



Er——o09ee0etglece 200000y .. """"""""
4 B ® O o %,
3 - . )
» L L A
T L 80y I -®
! | . | ! | R . | .
5/ —ege®e®®e®teogy | 400000y e
4 -/ ] - o,
/ [
3 - LR °
2 B ® e ——o
L 5000y e
. | L | L | P I | :
., 57 /T ee00e®eleqyg———| 540000y s
< 4 ° = -
Eﬁ 3 —// - . o eee’®
S 2 e — o __ -7 -
A | L 10000y L e T,
1 | t l 1 ' - ] | 1 I ]
5 /"";'i""‘i'a """"" ~ 800000y e
4_ 2o =" L o °
3 ‘ - -~ “ e [ J Y o
2r /'// — /" ,,———"'_‘ii_—
S 50000y L e
oL 1 U R ST
5 - - e
[ 100000y a8 "% ~ toooo00y
g . °
3 * 4 —_r o e o  _
2 B ° -7
1 ,//// - _///./ L
L el | N T el e ® |
0 1 2 3 0 1 2 3
a [AU] a [AU]

Figure 3.6: Time evolution of solid surface density of Run4. The snapshots of X5 through
out the region. The solid dots are the N-body simulation results. The simulation area
is divided with separation of 0.2AU. All the mass in the area is added and normalized
with the mass that should exist if MMSN is assumed. The dotted line is the analytical
estimate by eq(6.6) and eq(3.10). The dashed line is the estimate of eq(3.10), assuming
Miso only. When ¢ < 74e, simulation time is used, and when ¢ > Tqep, Taep is used for the
time. '
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from the inner region. The dotted line is the analytical estimate derived by the condition
eq.(3.5) with m; given by eq,(3;12). When ¢ > 7q4ep, the condition eq.(3.6) is used. The
dashed line is plotted using the condition eq.(3.5) (eq.(3.6) for ¢ > 7qep) With miso given
by eq.(3.7). At a 2 1.5 AU, since growth of protoplanets is relatively slow and their
mass does not reach mis, on the time scale comparable to 74ep, the dotted line with mp(2)
fits better with theN-body simulation results than the dashed line with mis,. However,
since the growth is relatively fast at a ~ 1AU, the estimate with mjs, also gives a good
approximation there. If longer 7qep == 10° — 107 years, which is more consistent with the
observationally inferred one, is adapted, the estimate with mis, is applicable for ¥ in
more outer regions at t 2 T4ep. Note that the solid material of outer region continues to
decrease, due to diffusion of material to outer region. The disk expands to ~ 3.5 AU in
this case. If wider disks are considered, such diffusion would not be apparent and the area
that the analytical line being valid would become wider. Hence, the decrease of material
in outer region is irrelevaﬁt.

Since eq.(3.12) changes with the physical radius enhancement | f and the strength of
the aerodynamical gas drag, the estimate with my(¢) has numerous parameters. As shown
in Fig.3.5(a), Table IV and Fig.3.6, the solid surface density left in the terrestrial planet
region after the gas depletion time scale is approximated by the estimate with mjs, within
a factor ~ 2. Hereafter, we will use the simple estimate with m;s, in this chapter.

As shown in above, the N-body results are consistent with the analytical formula that
assumes the migration time scale for one independent protoplanet in a gas disk migrating
toward the central star and the growth rate without the effect of other protoplanets
and planetesimals supplied from outer regions. These agreement reconfirms the result in
section 3.2.1 and 3.2.2.

The final disk solid mass also depends on the initial disk mass. Run4 and Run6 have
the same gas depletion time scale T4¢, = 10° years, but differ in initial disk surface density

(Table IH). Run4 starts with s = 535 gn and Runb starts with 10%;gn. Table IV shows
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Figure 3.7: Analytical solid surface density evolution Y/ sn, using eq(3.10) at 1AU.
The solid line is for the disk with initial gas and dust surface density of 1Xsn, the dotted
line is for 5y and the dashed line is for 10XgN.

that the amount of solid material left in the disk in the terrestrial region is larger in
Run4. The same result is obtained by comparing Run7 and Run8. The larger the initial
disk material is, the less solid material remains. Figure 3.7 shows how Y at 1AU evolves
using eq.(3.10). The solid, dotted and dashed lines are with initial dust surface density
Ys,init = 2is,5N, D2s,sN and 10¥sgn. Since we fix the gas to dust ratio, 3, is proportional
to s init disks. In larger 3 nie disks, X starts to decrease earlier (eq.(3.11)), since more
massive protoplanets having shorter 7yav,mie are formed in these disks. Even after Y(t)
declines, Y decreases earlier in initially heavier disks than in disks with the same Y(t)
and smaller Y i, because larger 3, in these disks results in shorter 7gay mig. Our N-body
simulations show the consistent results. Note that in the results in Fig.3.7, the size of
the planets is larger in smaller ¥ iy disks after t = 10° years. The planets’ size may not

indicate the initial disk mass if the effect of migration is included.
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3.2.5 Conditions to Retain Solid Surface Density of MMSN

Our simulation showed that the interactions with other protoplanets and planetesimals,
do not moderate the migration of a protoplanet. The accretion and migration of the
protoplanet proceed in the same way as if it is placed in a gas disk alone. We showed that

solid surface density remaining after the gas dissipation is given by Y5 with ¢t = 74ep as

Esfice Zsz,;niglj\:ice [t < t*]
= 7= T N=2/3 s \-2/3 7 . \1/2 ‘ (3.10)
s,SN (7.5><105yr) (EE,SN) (ﬁﬁ) [t >t

where Y, is the initial gas surface density and

Es initfice _3/2 Z ! a 3/4
, = T7.5 x 10° | 2Rk — (~—) : :
ty =175 X% < . ) S o TAU (3.11)

Using this formula, we can impose some constraints on migration speed and 7gep in order
to retain specific amount of X.
In particular, we consider the range of migration speed and 74ep to retain Yggn to

reproduce our solar system. We introduce a parameter A, for migration speed as

! 3/2 (S it fi -1
rav,mi :Ai .0 104 Mp ( a ) M . .15
Tgrav,mig mg7 X (MEB) 1AU ES’SN years (3 )
where
Yg ini /Z i itfice -
Ami — g,init 5,in 16
«=C ( Yg,sN/ s N ’ (3.16)

and C expresses a deviation factor from the result of linear calculation (Tanaka et al.
2002). If other effects such as gas turbulence or radiative transfer exist, C' can take a
value other than unity. The parameter Ang is a function of gas to dust ratio normalized

with that of MMSN. Using eq.(3.15), eq(3.10) reads as

(zsfice) { “ypielie It < £.] o
= 2 23 _2/3 a 1/2 Z:s init Jice _2/3 ‘
2s,5N Am/ig (7.5x§05yr) (Tﬁ) ( Z'JS,;IJ; ) [t >t
where
~5/2
Es initfice ’ a 3/4
te = Amia7.5 x 10° | =222 (—) . 3.18
75 % ( s, SN ) 1AU (8.18)
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Figure 3.8: Analytical estimate for the gas depletion time scale 7qep as a function of Apg,
using eq(3.15). Disks with the parameters below the line can retain 5 > Y, gn at 1AU.

In order to leave a solid surface density of Y crit, Tdaep should be

Zs critfice 5/ a 3/4 E initfice -
op = Amig7.5 x 105 [ =E2I<< (—> —LLlLo . .19
Tdep mig (-0 X ( o ) AT o years (3.19)

For Y ait = Yssn at a = 1 AU, the relation between 74ep and Ay is shown in Figure
3.8. Disks with parameters below the line can retain Y5 > Yssn. The observationally
inferred Taep is ~ 10° — 107 years. For these values of Taep, 1.3 < Amig < 13. If Apmig = 1,
Taep Should be ~ 7 x 10° years, which is too short to make terrestrial planets with small
eccentricity. There will be not enough gas left to damp the pumped up eccentricity due
to the orbital crossing after the planets are formed (Kominami and Ida 2002, 2004). Since
Anmig is a function of the initial gas to dust ratio, the condition 1.3 < Apig < 13 can be
obtained by reducing the initial amount of gas and changing the initial gas to dust ratio.
So far, we have assumed that the gas to dust ratio (X4/%) is fixed as Xggn/Ysen ~ 240.
However, gas to dust ratio can be altered by the migration of the dust and planetesimals
due to gas drag. Hence, it needs not to be fixed to ~ 240. If the initial gas to dust ratio
is < 0.75(XgsN/YssN), Amig 2 1.3 even if C' = 1. Then, disks with 74ep =~ 10° years can
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Figure 3.9: The same description for the lines as in Figure 3.8, except a =5 AU.

retain solid material of ~ ¥ gN.

The formula we have obtained can be used at a = 5 AU as well. Substituting fice =
4,5 it = Ysgn and a = 5 AU into eq.(3.19), we obtain Tqep = 8.0 X 10%A,y, years
(Fig.3.9). If Amig ~ 1, Taep < 10° years, which is too short to form a core with several
Earth masses. If the depletion time scale is 105-107 years, Amyy should be ~ 13-130. The
gas to dust ratio smaller than at least ~ 0.1(Xgsn/2s,9n) is needed at ~ 5 AU to from a

core that can start runaway gas accretion there, if C = 1.
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3.3 Summary

In this chapter, we investigated how the migration due to disk-planet interaction (type-I
migration) of the runaway bodies and the disk evolution proceed as the disk gas dissipates.
We study the evolution of systems with multiple protoplaneﬁs in a dissipating gas disk,
by carrying out global simulations with initially wider disks (0.5 - 3 AU) than in the
simulations in the previous chapter. Since we start with the planetesimals with equal
mass without a seed, multiple large protoplanets emerge in the disks, interacting with
one another.

Ten simulations are carried out (Runl - 10). The parameters are the gas depletion
time scale Tqep, and the initial disk surface density s init. The summary of the results are
the following.

1. Because the time scale for the runaway growth and migration of protoplanets to
occur, rapidly increases with semimajor axis, they are not affected by other protoplanets’
existence. The inner protoplanets are already gone by the migration toward the central
star, and the outer ones are not grown enough to migrate inward. Using this result,
we constructed an analytical model for the solid surface density evolution under the
assumption that a body in a gas disk migrate alone without being affected by other bodies.
The results from the N-body simulations are in good agreement with the analytical model.
2. The smaller amount of solid material remains in the disk as the gas depletion decreases
with increase in Tqep and g inis. For longer 74ep, more protoplanets that are large enough to
undergo migration are formed. They have enough time to migrate by significant distance.
3. A strange dependence on X comes frdm the assumption of the fixed gas to dust
ratio. The migration is more effective in larger ¥ cases, because the disk contains
larger amount of gas. The final protoplanets’ mass is determined by the X, after the gas

depletion. Hence, large planets are not necessarily made in initially heavy disks.

By analyzing the formula we derived, the following possibilities can be considered in
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order to retain s 2 Y sN.

1. The gas depletion time scale is shorter than the observational value.

Our formula shows that the depletion time scale needs to be < 7.5 x 10° years, around
1AU. Although the observation implies the gas depletion time scale to be ~ 10% — 107
years, such implication is obtained by observing the outer region of the disk such as
~ 100 AU. Hence, the depletion time scale in terrestrial planet region may be less than
the observational value. However, if this is so, the eccentricity of the final planets will be
high; not enough gas will remain in the disk to damp the random velocity, after the giant
impact stage. The amount of the gas needed to damp the final planets is ~ 1074¥,
(Kominami and Ida 2002, Agnor and Ward 2002). It is unlikely for the disk to lose the
large amount of the gas in such a short period in the first place, and retain such a small
amount during the next 107 years. Unless there is such a mechanism, considering a short
depletion time scale is contradictory. In the Jovian planet region, our formula shows that
the depletion time scale should be < 10° years. The time scale for a giant planet to form
Tgiont 18

Tgiant - Tcore + Tacc, | - (320)

where Tore is the time scale for the core to form, and the T, is the accretion time scale
for the core to accrete the gas to form a gas giant planet. Supposing the size of the core
that starts the runaway gas accretion is ~ 5Mg, Teore is ~ 2 X 107 years (Kokubo and Ida
2002). In order for Tiore to be smaller, core mass has to be smaller. On the other hand, if
the mass of the core is small, the gas accretion time scale (T,cc) becomes long. Hence, it
is hard to make Tyt be within ~ 10° years. Moreover, if the gas is depleted in a short
time scale, there will be not enough gas for the cores to accrete. Hence, short depletion
time scale of disk gas may be contradictory .

2. The migration speed is slower at least by factor of several times than the speed given
by the linear theory.

By introducing retardation factor as in eq.(3.15), we constrain the migration time scale
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for the disk to retain one minimum disk solid material. If the observational inferred disk
gas depletion time scale 7qep ~ 10° years is assumed, the retardation should be more
than Amig ~ 1.3 around 1AU and Api, ~ 13 around 5AU. By considering the effects such
as turbulence in the gas disk and/or radiative transfer, the factor C in eq.(3.15) can be
altered, and these values of retardation factor may be able to be reached in MMSN.

3. The gas to dust ratio at the beginning of the accretion is less than that of MMSN,
assuming Taep ~ 10° years.

The retardation factors Amiz ~ 1.3 around 1AU and Apyz ~ 13 around 5AU can also
be reached by by decreasing the amount of initial gas to dust ratio by factor ~ 1.3 and
~ 13 af 1AU and 5AU respectively from that of MMSN (3gsn/Yssn). The ratio can be
altered by the migration of dust and planetesimals in the disk during the planetesimal
formation stage. It needs not to be the same as that in MMSN when the accretion of the
planetesimals start. Hence, if the ratio is less than that in MMSN by factor ~ 10, s SN

and be retained.
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3.4 Tables

Table I1I

Simulation Parameters of Run’1-10

Run Tdep (yearS) 2s,init/ES,SN;-Bgrav amax(AU) Mpla, (g) N
Runl 10* ) 2 1.0 x 10% | 9969
Run2 10* 10 2 3.0 x 10%° | 6644
Run3 10° 5 2 1.0 x 10%° | 9969
Run4 10° ) 3 1.5 x 10%° | 9632
Rund 10° 5 5 1.5 x 10% | 14370
Run6 10° 10 3 4.0 x 10% | 7223
Run7 3 x 10° ) 3 1.5 x 10% | 9632
Run8 3 x 10° 10 3 4.0 x 10%° | 7223
Run9 10° 5 2 1.0 x 10%5 | 9969
Run10 10° ) 3 1.5 x 10%° | 9632

List of initial conditions and the parameters for the simulations. From the left column, Run is
the name of the simulation, 74ep is the gas depletion time scale, Yig init/2s,sn is the initial solid
surface density, Bgray is the initial gravitational force. This parameter corresponds the initial
gas surface density. In next column, amax is the outer boundary of the planetesimal disk initially

placed, mpla is mass of each planetesimal and N is the initial number of the planetesimals.

Table IV

Final States of the Simulations of Runl-10

Run tend (yrS) mp,end/MEB Tmig,end (years) ES,AN/ES,SN z]s,end/ES,SN
Runl 108 1.14 2.6 x 1047 5.0 3.73
Run2 10° 1.78 1.9 x 1047 3.8 6.14
Run3 10° 0.352 1.5 x 10° 1.3 0.840
Run4 10° 0.563 1.1 x 10° 1.3 1.59
Runb 10° 0.601 6.6 x 10° 1.3 1.65
Run6 10° 0.724 3.6 x 10° 0.8 1.10
Run7 10° 0.300 1.1 x 10° 0.6 0.423
Run8& 10° 0.307 8.9 x 10° 0.4 0.333
Run9 | 2 x 10° 0.053 1.3 x 10° 0.3 0.0735
Runl0 | 2 x 10° 0.13 1.8 x 10° 0.3 0.00459

The lists of final states of the simulations. From the left column, tenq is the end time of the

simulation, mpend/Mg is the average mass of the bodies with > 0.1Mg at ¢ = fenq in 0.5-1.5
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AU. In Run9 and Runl0, the largest protoplanet mass is indicated. Tmig,end 18 the averaged
migration time scale of bodies with mp > 0.1Mg at t = tenq in 0.5-1.5 AU, Y5, AN/ s8N Is the
analytical solid surface density at 1AU obtained by eq(3.10) and X end/¥ssn is the final solid

surface density of 0.6 - 1.5 AU in the simulation. Each value is averaged over 2 x 10% years.
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Chapter 4 |

Discussion

In chapter 2 and chapter 3, we showed that the interaction between the protoplanet
and the planetesirhal disk, and between other protoplanets do not affect the migration
process. The protoplanet falls to the central star as if it is placed in a gas disk alone. This
result leads us to more general description of planetesimal disk depletion and evolution.
Recently, various extra solar planetary systems have been discovered. Initial planetesimal
disks do not have to be vconstrained to be similar to MMSN. Disks >ma,y have various

surface densities. Here, we discuss the depletion of disk solid material more generally.
General Analytical Model

In our N-body simulations, radius was enhanced for computational reason. In such cases,
the equilibrium eccentricity is obtained by equating Tgrowtn and 7vs (eq.(6.4)). However, in
the real world, there should be no enhancement. The eccentricity is obtained by equating
aerodynamical gas drag time scale 7,5 and viscous stirring time scale 7vg (Kokubo and
Ida 2002). Specific derivation is described in the appendix. In the region where myp does

not reach mis,, instead of eq.(3.10), following equation is applied for the solid surface

density,
(zsfice) { Pypife bl
= —4/3 s 5 \=11/15 ;  \16/5 /o \2/15 :
YissN 0 () (52%5) 0 () () k>t
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where

b= 5 5 107 [ Seanifee) ™ ( 4wm(:£)”“ i\ (4.2
x = Ys,SN YigSN 1AU 1020g years. .2)

We assumed pp, = 3g/cm® and b = 10. When the factor Ay is used, eq. (4.1) changes to

(zsfice) - { S it < t.]

-} = o f \—1/3 -4/3 o\ —2/5 16/5 5

T ) | 4107 AL (Bede) ™ (50) ™ (B )™ (20) " ()™ 12>
(4.3)

Incorporating initial gas to dust ratio 7 and the initial solid surface density B as

following,

Eg init/Es initfice) Es initfice
init = . : y Pinit = ———, 4.4
it ( YgsN/2s,sN Pun 2Js,SN (4.4)

the remaining solid surface density ¥ an /s sn = Ban after 74ep can be written as following,

depending on the mass of the protoplanet at ¢ = 7gep,

4 10O ()™ (i)™ (22) ™y < e

Ban = _ _ 1/2 1020%2/3 tyear (4.5)
8 x 10°C* 0 "kl () (7o) [y = o]

If other mechanism, such as turbulance is considered, factor C' may become C +# 1. Here
we let C' = 1, assuming type-I migration proceeds as the linear theory suggests. Using
these more general equations, we can estimate hov&} much disk solid material remains after
the gas is depleted in various disks. For instance, Fig.4.1 shows the contour of Bz, on
Binit=Yinit Plane at ¢ = 7gep = 10° years at 1AU. Disks with Linit = Yt = 0, do not retain

Yis,sn after the gas dissipates, as explained previously.
Solid Material Depletion in the Inner Region

The amount of remaining solid material depends on the depletion time scale as well as the
semimajor axis. Figure4.2 shows the initial disk parameters that retains Gz, = 1 when
10% < 79¢p < 107 years at 0.3 AU. Assuming the depletion time scale is 108-107 years as
indicated by the observation, little solid material remains in a < 0.3 AU. Although in
MMSN, solid material increases as a becomes smaller even in small a region, this may not
be true if type-l migration is considered. The fact that no planet exists inside the Qrbit

of Mercury in our Solar system, may be due to type-1 migration.
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Figure 4.3: (a)Final ¥ 6n(g/cm?) and (b)my, g, as function of a after 7qep, = 10° years with
Binit = 1. Solid line is drawn assuming MMSN without type-I migration. The dotted and
dashed lines are drawn using various init which is indicated below each line. myp gy in (b)
is obtained using Y g, and eq.(3.7).

Comparison with MMSN

Kokubo and Ida (2002) studies the protoplanet distribution without type-I migration.
Here we compare our results with their results and show how the solid material distribution
differs from the case without considering type-I migration if it is included. Figure 4.3(a)
shows the final solid surface density Y g, (g/cm?) as function of a AU after 74, = 10° years
with Sing = 1 with various initial gas to dust ratio . The solid line is drawn assuming
MMSN: without type-I migration (Kokubo and Ida 2002). The dotted and dashed lines

are below the solid line because the gas triggers type-I migration and depletion of solid
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material from the disk. As i increases, the remaining material decreases. The profile
of the disk in MMSN is a~5. However, if type-I migration is included, it changes to a™!
at a < 1.5 AU. Surface density outside ~5 AU does not differ from MMSN. The growth
and migration (hence, the depletion of solid material) proceeds.-from the inner region. If
the depletion time scale is longer, remaining Y5 will decrease even in the outer region. If
Tdep = 107 years, fyingt = 10 line converges with line of MMSN at ~ 15 AU.

Since the solid material in the inner region decreases more quickly than the outer
region, the final mass distribution changes as well from that of MMSN, as in Fig.4.3(b).
Figure 4.3(b) is obtained assuming the oligarchic growth takes place after 7gep. Major
depletion will not occur after the depletion time scale. The protoplanets grow to the
isolation mass with Yggn(t = Taep). Our results show that in the inner region, only
small amount of surface density (hence, small planets) can be made, if gas to dust ratio

of MMSN is considered. It is highly possible that initial plantesimal disk had different

smaller gas to dust‘ ratio and solid surface density from that of MMSN.
Habitable Planets in Habitable Zone

The mass of the final planets that are formed through the coagulation between the proto-
planets can be estimated by assuming the feeding zone defined by escape velocity of the
planets in the disk. The final mass turns out to be ~ Mg at ~ 1 AU in the disk with
Y.ssn. Habitable zone in the disk with Solar mass central star lies between 0.95 AU to 1.37
AU (Kasting et al. 1993). The habitable planets mass is thought to be ~ M@ in order
to keep the atmosphere. Hence, if disk with ~ ¥ gy remains, habitable planets can be
formed at ~ 1AU. With which disk parameter yields habitable planets in habitable zone,
can be estimated using our formula. Figure 4.4 shows the disk parameter that retains
,Bén = 1 after Taep = 10%-107 years at 1AU. The parameter region surrounded by the lines
is where planets with ~ M@ can survive at ~ 1 AU. The planetesimal disks with small

gas to dust ratio tends to yield habitable planets in habitable zone.
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Figure 4.4: Contour of gy = 1 on Siis-Yinit Plane after 10° years and 107 years at 1AU.
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Chapter 5

Conclusion

Past N-body simulations on the formation of the protoplanets did not include the type-I
migration effect for simplification. However, the linear calculation predicts the migration
of the protoplanets with a shorter time scale than the gas depletion time scale, which is
acquired from the observation. Terrestrial planets in our Solar system should have gone
through such a migration stage. There has to be a mechanism for them to remain in the
disk. | |

We examined the possible processes that would alter the migration speed. One is the
gap formation in the planetesimal disk and the other one is the existence of multiple pro-
toplanets. The planetesimal disk can prevent the migration by small factor temporarily,
but not significantly enough to alter the migration time scale that is predicted by the
linear calculation. The formation and migration of the protoplanets take place from the
inner region of the disk. They grow and migrate as if they are placed in a gas disk alone.
Effect from other protoplanets and planetesimals that migrate from behind turned out to
be inefficient to change the migration time scale.

Our results show that if there is abundant gas in the disk, the migration that makes
the planets fall to the central star is inevitable. The observational value of gas depletion
time scale is ~ 10%-107 years. However, the observed region of the disk is the outer realm
of the disk (~ 100 AU). The gas depletion time scale of the terrestrial planet region may

differ from such value. However, in order to damp the random velocity of the planets
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after the giant stage, there has to be small amount of gas left in the disk (Kominami and
Ida 2002, 2004). The gas has to remain in the disk for more than million years. If the gas
depletion is responsible for the stopping of the migration, there has to be a mechanism for
the disk gas to dissipate significantly in first 10° years and to remain with small amount
(~ 1073-107* X o) for million years.

If there is not such a mechanism, the migration mechanism itself has to be reexamined.
We investigated quantitatively how much retardation is needed to retain the MMSN solid
material in the disk, by deriving a formula. If the disk gas is depleted in million years,
the retardation has to be twice or so. When the Jovian planet region is considered, the
constraint on migration speed is more severe. The retardation has to be ~ 10. If the
gas is depleted in a shorter period than the core formation time scale, it can not acquire
gas to become gas giant planét. It becomes more crucial for the migration of the cores
to be retarded. Such retardation can be realized by decreasing the gas to dust ratio to
~ 1/10 of that of MMSN, unless there is other mechanism such as turbulance to change
the migration mechanism itself.

Using our formula, we can discuss how much solid material remains in specific a, if
the depletion time scale is given. The formula is a function of initial gas to dust ratio and
initial solid surface density. Assuming the depletion time scale is ~ 10%-107 years, the
solid material in the inner region of the disk tends to be depleted. This may be the reason
for absence of planets inside Mercury (a ~ 0.4 AU). The disk profile is flattened by the
depletion of solid material due to migration. The protoplanet disk may have had a flatter
solid surface density than MMSN. Also in order for the planets to survive in the habitable
zone, gas to dust ratio of the planetesimal disk has to be considerably less than that of
MMSN. Such results are consistent with the planetesimal formation theory. Planetesimals
can be formed more easily with small gas to dust ratio (Youdin and Shu 2002, Ishitsu and
Sekiya 2003). Dust and planetesimals may have migrated to the terrestrial planet region

from outer region and made the disk denser in solid material (Stevenson and Lunine 1988,
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Cuzzi and Zahnle 2004). If such scenario is considered, the initial planetesimal disk may
have had smaller gas to dust ratio than in MMSN, which is consistent with our results.
It is also possible that the monotonic inward migration time scale, which has been a
serious problem in the planet formation theory, be changed from the linear theory by

other mechanisms. Investigation of such mechanisms is left for future study.
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Chapter 6

Appendix

6.1 Derivation of mymax(t, X8, ap), Mp max(Taep; 25, ap) and
Ys(t,a) with Radius Enhancement

Growth rate of a protoplanet with mass myp and radius R is given by (e.g. Ida and Makino

1993),
2Gmp R

dm, .
7 - Caﬂzsf(ez)azﬂ , (6.1)

where C, is a factor of a few (e.g. Ida and Nakazawa 1988,1989),

Y is surfuce density of planetesimals, ) is the Keplarian angular velocity (W,
where M, is the mass of the central star), f is the artificial radius enhancement, and {e%)*/2
is the rms eccentricity of planetesimals. Viscous stirring by the protoplanet pumps up the
eccentricity. Because we accelerate the growth of the protoplanet adopting f = 5, before
the eccentricity is equilibriated with the damping due to the gas drag, the protoplanets
grow in our simulations. Then, {€2)1/2 is evaluated by equating the growth time scale
Tgrowsh With the viscous stirring time scale 7vs, given by (Ida and Makino 1993)

’U3

(6.2)

TVS —_ 2 2
7G2nym2In A
P

where In A is the Coulomb logarithm which is ~ 3 (Stewart and Ida 2000), ny is the

number density of the protoplanets which is

n = (2mab2a(i®)/*) ™! (6.3)
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and b is the separation between the protoplanets. We assume v = vy (€2)1/2, and (2)1/? ~
2(i2)1/2, The growth time scale is expressed as Tyowtn = (Mp/(dmy/dt)), using eq.(6.1).

Equating Tarowth and 7vs, the equilibrium eccentricity is

InA 1z m2p 1/6 me \ 1/3
2\1/2 _ pFp P
()% = 0.086 (b i2ce> ( ga?’) (—*) . (6.4)

where b separation between the protoplanets which is normalized with ryp (eq.(3.8)).

Integrating eq.(6.1) with eq.(6.4), we obtain

Yo\? a \“32 (b t
—1.6x 107 [ = 2.2(.___) 2 . .
mp(t) = 1.6 x 10 <ES,SN> Pl \ 1A (10) (1year> Mo (6.5)

Substituting this mp () into Tgrav,mig and solve for the solid surface density,

Setting Tgrav,mig — t,

Esfice _ 2.2 % 106 t - Eg i (__Cl )2 (6 6)
Y, SN B f lyear Yo SN 1AU '

where we used b = 10 and

s =1x 10° (L)_m K. (6.7)
1AU

for sound velocity. When ¢ > Tqep, t = Taep 18 substituted in eq.(6.6) and eq.(6.5).

6.2 Derivation of mp max(t, 28, ap), Myp max(Tdep, 28, ap) and
Ys(t,a) with No Radius Enhancement

By equating 7g.s (2.5) and 7vs (6.2), the equillibrium eccentricity becomes

()2 — (M) v (mﬁlap?))l/ls <_”22>1/3, (6.8)
bCD a’3pgas M*

Integrating (6.1) with (6.8), we obtain the protoplanet’s mass as a function of time,

t 10—18 ESfice ’ a —81/10 Pp —1/5 Mpla -2/5 B 6/5 Eg 6/5 " 3 y
mp( )= s, SN (1AU) 3gem—3 1020g 10 S Tycar
, g,

(6.9)
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assuming Cp = 0.5 and M, = M. Substituting (6.9) into Tgaymig and solve for the solid

surface density,

s fice 4107 ¢\ 7R Y —11/15< a )16/5 Po 1/15 Mo 2/15 l’_ -2/5
ES,SN N 1year Eg,SN 1AU 3gcm—3 1020g 10 .

| (6.10)
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